Context. The evolution of massive stars depends on several parameters, and the relation between different morphological types is not fully constrained. Aims. We aim to provide an observational view of evolutionary models in the Hertzsprung-Russell diagram, on the main sequence. This view should help compare observations and model predictions. Methods. We first computed evolutionary models with the code STAREVOL for initial masses between 15 and 100 M ⊙ . We subsequently calculated atmosphere models at specific points along the evolutionary tracks, using the code CMFGEN. Synthetic spectra obtained in this way were classified as if they were observational data: we assigned them a spectral type and a luminosity class. We tested our spectral classification by comparison to observed spectra of various stars with different spectral types. We also compared our results with empirical data of a large number of OB stars. Results. We obtain spectroscopic sequences along evolutionary tracks. In our computations, the earliest O stars (O2-3.5) appear only above ∼50 M ⊙ . For later spectral types, a similar mass limit exists, but is lower. A luminosity class V does not correspond to the entire main sequence. This only holds for the 15 M ⊙ track. As mass increases, a larger portion of the main sequence is spent in luminosity class III. Above 50 M ⊙ , supergiants appear before the end of core-hydrogen burning. Dwarf stars (luminosity class V) do not occur on the zero-age main sequence above 80 M ⊙ . Consequently, the distribution of luminosity class V in the HR diagram is not a diagnostic of the length of the main sequence (above 15 M ⊙ ) and cannot be used to constrain the size of the convective core. The distribution of dwarfs and giants in the HR diagram that results from our calculations agrees well with the location of stars analyzed by means of quantitative spectroscopy. For supergiants, there is a slight discrepancy in the sense that luminosity class I is observed slightly earlier (i.e., at higher T eff ) than our predictions. This is mainly due to wind densities that affect the luminosity class diagnostic lines. We predict an upper mass limit for dwarf stars (∼60 M ⊙ ) that is found consistent with the rarity of O2V stars in the Galaxy. Stars with WNh spectral type are not predicted by our models. Stronger winds are required to produce the characteristic emission lines of these objects.
Introduction
The evolution of massive stars depends on several parameters. The initial mass is the main parameter. Mass loss and rotation are two other important ingredients (Chiosi & Maeder 1986; Maeder & Meynet 2000b) . Mass loss affects the stellar mass at all times of the evolution and shapes their path in the Hertzsprung-Russell (HR) diagram. Mass and luminosity are tightly coupled. Rotation modifies the shape and internal structure of stars and triggers mixing processes that transport chemical species and angular momentum. Evolutionary tracks are affected (Meynet & Maeder 2000; Brott et al. 2011) . Metallicity plays an important role as well because of its effects on internal structure and mass loss: stars with a lower metallicity have reduced mass-loss rates (Mokiem et al. 2007a) . Finally, the presence of a companion can affect the evolution of massive stars by interactions (Langer 2012) . Stellar evolution models are used to study the effects of these various parameters on the temporal evolution of internal and external properties of massive stars. To constrain their physics, they need to be compared with results from the analysis of stars in various environments. Studies based on quantitative spectroscopy using atmosphere models are especially relevant since they provide the main physical properties (effective temperature, surface gravity, luminosity, and mass-loss rates) from observations, usually spectroscopy (e.g., Kudritzki et al. 1989; Herrero et al. 1992; Hillier et al. 2003; Repolust et al. 2004; Dufton et al. 2006; Mokiem et al. 2007a; Markova & Puls 2008; Martins et al. 2012; Arias et al. 2016) . This process of constraining stellar evolution models from results of quantitative analysis is necessary because the evolutionary calculations do not predict spectral characteristics. Instead, they provide the fundamental physical properties of stars. A large number of observations is thus required to draw general conclusions regarding the sequence of evolutionary phases that are followed by stars of different initial mass, metallicity, and rotation rates. Covering the entire parameter space is difficult and currently only leads to a patchy "observational" picture of stellar evolution. For instance, the relations between different types of stars are described qualitatively by the Conti scenario (Conti 1975) , which relates Otype and Wolf-Rayet stars. However, the details remain largely unknown. If general trends exist, as summarized by Crowther (2007) , for instance, very few detailed empirical sequences of evolution exist. Massey et al. (2000 Massey et al. ( , 2001 performed an observational study of clusters and OB associations in the Magellanic Clouds and the Galaxy. They provided evidence that a A&A proofs: manuscript no. ev_MSwidth metallicity-dependent mass threshold exists for OB stars to enter the Wolf-Rayet phase. Crowther & Bohannan (1997) were the first to establish an evolutionary sequence between specific spectral types: they showed that O8If supergiants evolve into WN9ha stars. Martins et al. (2007) and Martins et al. (2008) defined sequences between WN8-WN8/WC9-WC9 and O4-6I-WN8-9h stars, respectively, from observations of the Galactic center and the Arches clusters. Such spectroscopic sequences remain rare, but will most likely emerge in the near future from the studies of large samples of massive stars.
Since providing empirical spectroscopic sequences of evolution is still difficult, we can attempt to provide "theoretical" sequences by computing the spectral appearance of evolutionary models. A major attempt in this direction was presented in Schaerer et al. (1996a,b) and Schaerer & de Koter (1997) . The authors used atmosphere models to compute synthetic spectra at specific positions along evolutionary tracks. They provided spectral energy distributions, ionizing fluxes, and ultraviolet (UV) spectra throughout the HR diagram. However, the limited quality of the atmosphere models available at that time did not allow an accurate prediction of spectral lines, especially those in absorption. In particular, it was not possible to quantitatively predict the evolution of spectral types and luminosity classes, and thus to pinpoint the relation between various classes of massive stars. A subsequent effort in this direction was made by Groh et al. (2014) , who adopted the same method as Schaerer et al. (1996a) , but with advanced non-LTE atmosphere models including a full treatment of line-blanketing and proper radiative transfer with detailed line-broadening prescriptions. Groh et al. could thus predict the spectroscopic evolution of a 60 M ⊙ star from the zeroage main sequence (ZAMS) to the supernova explosion.
In parallel to the study of Groh et al. (2014) , we developed a project with the same aim of predicting the spectroscopic appearance of massive stars along their evolution for different parameters (initial masses, rotation, metallicity, and mass loss). In a first paper, we compared evolutionary tracks from different codes and groups in order to identify the uncertainties in the predictions of such models, and to choose the best models for further calculations (Martins & Palacios 2013) . The general conclusion was that different models agree reasonably well on the main sequence (MS), but strongly disagree in later phases. In this paper, we thus present our calculation of the spectroscopic appearance of these stars. We focus on stellar evolution without rotation, but cover a wide mass range (15 to 100 M ⊙ ) at solar metallicity. Our aim is to provide a theoretical spectroscopic view of the evolution of massive stars.
The paper is organized as follows. In Sect. 2 we explain how we conducted our calculations and how we proceeded for the spectral classification of our models. Section 3 presents our results. They are discussed and compared to observations and previous studies in Sect. 4. We give our summary and conclusions in Sect. 5.
Synthetic spectra and classification
In this section we describe how we obtained synthetic spectra from evolutionary and atmosphere models. We subsequently summarize the criteria we used for spectral classification.
Evolutionary and atmosphere models
We computed a set of standard non-rotating stellar evolution models with initial masses of 15, 20, 30, 40, 50, 60 , Fig. 1 . Hertzsprung-Russell diagram showing our evolutionary tracks with solid lines and the location of the models for which a synthetic spectrum was computed (squares). The triangles highlight the position of the two models for which the temperature structure is shown in Fig. 2 . 80, and 100 M ⊙ at solar metallicity using the STAREVOL code (Decressin et al. 2009; Amard et al. 2016 ). We used the Asplund et al. (2009) reference values for the solar chemical mixture, and adopted Z = 0.013446 as the solar metallicity. The convective instability is treated following the mixing length formalism and the Schwarzschild criterion, with an adopted mixing-length parameter α MLT = 1.6304 that has been calibrated on the Sun. A small core-overshoot (α ov = 0.1H p , where H p is the pressure scale height) is included in all models.
For the treatment of mass-loss, which is crucial in determining the evolutionary path of the model stars, we used the prescription from Vink et al. (2001) . For models that experience a Wolf-Rayet phase (e.g., with log 10 (T eff ) > 4 and X surf ≤ 0.4), the recipe of Nugis & Lamers (2000) was adopted in these advanced phases. These phases are not discussed in the present study. In order to take clumping into account, we divided the resulting mass-loss rates by a factor of three. Several studies indicate that the true mass-loss rates of OB stars are lower than previously derived, and lower than the recipe of Vink et al. (2001) . Mokiem et al. (2007a) determined mass-loss rates from Hα. They showed that a reduction of the empirical mass-loss rates by a factor two was needed in order to bring the observed modified relation of wind momentum -luminosity in agreement with the predicted relation, which makes use of the Vink et al. recipe. Such a reduction would be compatible with a clumping factor of about four (corresponding to a volume-filling factor of 1/4). Performing a combined Hα and UV analysis of O supergiants, Bouret et al. (2012) concluded that the empirical mass-loss rates were 1.5 to 2.5 times lower than the theoretical values obtained from the recipe of Vink et al. (2001) . Šurlan et al. (2013) found similar reductions (factor 1.3 to 2.6) through an analysis of Hα and UV lines (including P v 1118-1128) of five O supergiants. Sundqvist et al. (2011) concurred to a reduction of about a factor two compared to theoretical values, although these results are mitigated by Sundqvist et al. (2014) . Cohen et al. (2014) determined mass-loss rates of OB stars from X-ray spectroscopy and obtained values reduced by a factor three (on average) compared to the predictions of Vink et al. (2001) . Their fitting process was able to correctly reproduce Hα provided a clumping factor of about 20 was used. In view of these results, we decided to adopt mass-loss rates reduced by a factor of three relative to the Vink et al. values in our evolutionary calculations. As such, our study is placed in the context of a maximum reduction of mass-loss rates compared to Vink et al. (2001) . As described below, clumping is included in the atmosphere models we compute.
In the evolutionary calculations, the atmosphere, described using the Eddington approximation, is treated as an outer boundary condition to the set of internal stellar structure equations.
After we calculated the evolutionary tracks, we selected points along them to compute atmosphere models. For each point, the evolutionary tracks predict the surface properties. We used the luminosity and effective radius, corresponding to an optical depth of 2/3, to calculate the effective temperature. We then computed an atmosphere model with this T eff , luminosity, and radius as input. The surface gravity, mass-loss rate, and surface chemical composition were also taken from the evolutionary model. For the wind terminal velocity (v ∞ ), we used v ∞ = 3.0 × v esc where v esc is the escape velocity (e.g., Garcia et al. 2014) . The parameters of the atmosphere models we computed are given in Table 1 . The points to which they correspond on evolutionary tracks are shown in Fig. 1 .
The atmosphere models were computed with the code CM-FGEN (Hillier & Miller 1998) . CMFGEN solves the radiative transfer and rate equations iteratively, leading to non-LTE atmosphere models. A spherical geometry is adopted, and winds are included. A pseudo-photospheric velocity structure, resulting from a solution of the dynamical equations including the contribution of radiative force, is connected to a β velocity law of the form
β -where R is the photospheric radius. We adopted β = 1.0 in our calculations. We included the following elements in the atmosphere models: H, He, C, N, O, Ne, Mg, Si, S, Ar, Ca, Fe, and Ni. Clumping was included by means of a volume-filling factor ( f ) approach. In practice, it is parameterized as a function of velocity v (in km s −1 ) as follows:
, where f ∞ =0.1 is the maximum filling factor reached at the top of the atmosphere (where v=v ∞ ) and v is expressed in km s −1 . This clumping distribution may not be fully realistic since there are both theoretical (Runacres & Owocki 2002; Sundqvist & Owocki 2013) and observational hints that clumping may be stronger in the inner wind than in the external regions. According to the above definition, the volume-filling factor in the Hα line formation region -usually around 30-100 km s −1 , see Martins et al. (2015b) -is on the order 0.4-0.8. This is higher -that is, less clumped -than other studies, which assumed a constant clumping factor throughout the atmosphere (e.g., Mokiem et al. 2007a) , a stratification that is also different from theoretical predictions and observational constraints. Once the atmosphere models were converged, a formal solution of the radiative transfer equation was performed to produce the theoretical synthetic spectrum corresponding to the input parameters.
To ensure that continuity between the evolutionary and atmosphere models is warranted, we show in Fig. 2 the temperature structure for two sets of models: one along the 20 M ⊙ track, another along the 60 M ⊙ track. They correspond to models with a central hydrogen mass fraction of about 0.4, placing them on the first half of the main sequence in the HR diagram (see Fig. 1 ).
Fig. 3.
Comparison between the M = 30M ⊙ synthetic spectrum classified as O6V((f)), see Table 1 , shown by the red dot-dashed line and, from top to bottom, the GOSSS spectra of HD 93204 (O5.5V), HD 303311 (O6V), HD 91572 (O6.5V), and HD 93146 (O7V) (black solid lines). The GOSSS spectra are taken from Sota et al. (2011). For each set, the temperature structure in the atmosphere model matches the structure in the evolutionary model well, ensuring consistency in the calculations. Additional tests indicate that at higher luminosities and lower effective temperatures (i.e., closer to the Eddington limit) the agreement is not as good. This is a limitation of our approach (see Sect. 4.5).
Spectral classification
Before assigning a spectral type or luminosity class to the synthetic spectra, we first degraded them to an instrumental resolution of 4000. We did that to be able to compare them directly with atlases of observed spectra, which are commonly obtained at medium resolution. To perform the spectral classification, we used the following standard criteria for O and B stars:
-spectral type: for O4 to O9.7 stars, the ratio of the equivalent width of He i 4471 to He ii 4542, as defined by Conti & Alschuler (1971) and Mathys (1988) , is the prime criterion. For O8.5 to B0 stars, we added the criteria of Sota et al. (2011) , based on the relative strength of He i 4388 to He ii 4542, He i 4144 to He ii 4200, and Si iii 4552 to He ii 4542 (see their Table 4 ). For B stars, classification was based mainly on the relative strength of Si iv 4089 to Si iii 4552. Atlases of Gray & Corbally (2009 ), Walborn & Fitzpatrick (1990 , and Evans et al. (2015) were used to assess the relation between this ratio and spectral type. For the earliest O stars, we relied on the scheme defined by Walborn et al. (2002) , using N iii 4640, N iv 4058, He i 4471, and He ii 4542. -luminosity class: the morphology of He ii 4686 was used for O stars with spectral type earlier than O8.5. Detailed comparisons with the atlases of Sota et al. (2011 Sota et al. ( , 2014 Our classification scheme is mainly a qualitative one relying on eye inspection of line ratios and comparison to atlases. Only for the spectral types of O stars did we use the quantitative criterion defined by Conti & Alschuler (1971) and Mathys (1988) . We decided to proceed in this way because the quantitative scheme of Conti & Alschuler and Mathys covers the entire range of O stars. Unfortunately, there is no such quantitative scheme for B stars. The classification criteria for luminosity classes are usually limited to narrow spectral type ranges, and quantitative criteria do not exist for all ranges. We thus decided to rely on comparisons to observed spectra in order to provide a consistent classification of luminosity classes. Using this method, we sometimes found uncertain spectral types and/or luminosity classes. In these cases we list a range of plausible values (see Table. 1).
To check the accuracy of our classification process, we show in Fig. 3 a comparison of our synthetic spectrum for the 30 M ⊙ model that we classify as O6V((f)) with observed spectra taken from the GOSSS survey 1 . The GOSSS spectra cover the spectral type range O5.5 to O7 and correspond to dwarf stars. Figure  3 clearly shows that the He i 4471 line in the O5.5V spectrum is too strong compared to our synthetic spectrum. Similarly, the Table 1 . Shaded areas highlight the main luminosity-class diagnostic lines.
He ii 4542 line the O7V spectrum is too strong. The O6V and O6.5V templates better reproduce the ratio He i 4471/He ii 4542 that we have in our synthetic spectrum. Quantitatively, we reach the same conclusions. Calculating the value of log EW(4471) EW(4542) , where EW stands for equivalent width, we find a value of -0.26 for our model and -0.32, -0.28, -0.17, and -0.14 for the O5.5V, O6V, O6.5V, and O7V template spectra, respectively. Consequently, a classification as O6V is preferred. Our classification method is thus accurate to within one subtype. More tests of the accuracy of the classification process are shown in Sect. 3.
We also studied the effect of wind density on the spectral classification. The results of our tests are shown in Fig. 4 . We selected three models of the 20, 40, and 80 M ⊙ sequences. We show the initial spectra in the bottom part of each panel. We then computed new models with the same initial parameters, except for the mass-loss rate, which was increased by a factor ∼2.5. The resulting spectra are shown in the upper part of each panel. Starting from the bottom panel, we see that the change in mass-loss rate for our 20 M ⊙ model does not affect the classification lines. Consequently, the spectral type or luminosity class remain unchanged. For the 40 M ⊙ model shown in the middle panel, the ratio He i 4471/He ii 4542 is not affected by variations inṀ, but He ii 4686 evolves from strong to weak absorption (the neighboring He i 4713 line is useful for comparison). Hence, the spectral type remains O8, but the luminosity class shifts from III((f)) to II(f), according to the criterion of Sota et al. (2011) , see their Table 5 . Finally, the upper panel shows the 80 M ⊙ model. The relative strength of the N iv 4058 and N iii 4640 lines and the intensity of He i 4471 are barely affected by a mass-loss rate increase. However, He ii 4686 strengthens from a weak P-Cygni profile to a full emission line. Initially classified as O3I(f*) because of the "intermediate" nature of He ii 4686, an increase iṅ M unambiguously translates into the classification O3If*.
We also stress that classification of O-type stars depends on spectral resolution and rotational velocity, as shown by Markova et al. (2011) . Spectral types are usually more affected than luminosity classes. Differences of up to one subclass can be encountered depending on resolving power and V sini.
Results
The results of our spectral classification are gathered in the right column of Table 1 . For each initial mass, they provide a spectroscopic evolutionary sequence. We show the synthetic spectra for the models along the 20 and 60 M ⊙ evolutionary tracks in Fig. 5 and 6, respectively. We have selected the optical range between 4000 and 4750 Å since it is the most commonly used for spectral classification.
In Fig. 5 we see the change in ionization when moving from top to bottom, that is, away from the ZAMS: He i 4471 remains roughly constant, but He ii 4542 slowly disappears. This reflects the decrease in effective temperature along the evolutionary tracks. The 20 M ⊙ model starts on the ZAMS as an O8 dwarf and becomes an early B giant. The complete sequence is shown in Fig. 5 and Table 1 (last column). Figure 7 displays the HR diagram shown in Fig. 1 in which the different models have been color-and symbol-coded according to the spectral type and luminosity class of the corresponding synthetic spectrum. For an initial mass of 20 M ⊙ , the star first appears as a dwarf, then becomes a giant or bright giant in the latest part of the main sequence, until the terminal age main sequence (TAMS) is reached. It remains a giant in the early stages of post-main-sequence evolution. To test this conclusion, we compare in Fig. 8 the spectrum of the 20 M ⊙ star classified as B1III-II and the observed spectra of HD 122541 (a B1III giant) and HD 24398 (a B1Ib supergiant) 2 . For the purpose of the comparison, we determined the values of the projected rotational velocity (V sini) and of the macroturbulent velocity (v mac ) using the Fourier transform of He i 4713 (Simón-Díaz & Herrero 2014 ) and the fit of that same line, respectively. The final synthetic spectrum was convolved with a rotational profile and a radial-tangential profile using these values of V sini and v mac . We stress that the goal is not to fit the observed spectrum. Instead, we wish to highlight that the ratio Si iv 4089/Si iii 4552 is comparable in the synthetic spectrum and both observations, confirming that they have the same spectral type (B1). The inspection of He i 4388/Si iii 4552 indicates that the luminosity class of our synthetic spectrum is more consistent with a giant than a supergiant. Finally, Hγ is narrower in the Ib supergiant than in our synthetic spectrum, whereas the B1III giant has a very similar line profile. We can thus safely exclude that the synthetic spectrum corresponds to a supergiant. In conclusion, stellar evolution along the 20 M ⊙ track proceeds through luminosity classes V to III/II along the main sequence, but avoids the supergiant phase, which is not reached in the early phases after the TAMS. We also note that the main sequence does not entirely correspond to dwarf stars: before the TAMS, the star appears as a giant. Figure 6 shows the spectral evolution along the 60 M ⊙ track. The strengthening (weakening) of He i 4471 (He ii 4542) with increasing distance from the ZAMS is very well seen. The 60 M ⊙ model appears as an early O dwarf on the ZAMS, O3V((f*)) , but contrary to the 20 M ⊙ model, it rapidly becomes a giant (see Fig. 7 ). The supergiant state is reached before the end of the main sequence, at a late-O spectral type. To test the reliability of this prediction, we show in Fig. 9 the comparison of the second 60 M ⊙ spectrum appearing as a supergiant (O9.5Ib in Table  1 ) with observed spectra of similar spectral types. The observed spectra are the same as those used by Martins et al. (2015a) . In the left panel, the O9.5III giant HD 167263 is displayed using a black solid line. We first see that the He i 4471 and He ii 4542 lines have the same ratio in HD 167263 and the synthetic spectrum, in agreement with the spectral types: both are O9.5. However, in the observed giant star, the ratio He ii 4686/He i 4713 is higher than in the synthetic spectrum. According to the classification criterion defined by Sota et al. (2011) , this is indicative of a more evolved luminosity class than that of HD 167263, that is, of class II or I. In the middle panel, the bright giant HD 36486 (O9.5II) is shown. The ratio He ii 4686/He i 4713 is still higher in the observed spectrum than in the model, indicating that a luminosity class II is not appropriate for the synthetic spectrum. However, the difference is not as large as it is with the giant spectrum. Finally, in the right panel, the comparison star is HD 188209, a O9.5Iab supergiant. The He i 4471/He ii 4542 ratio is the same in both spectra. This time, He ii 4686/He i 4713 is also very similar, indicating that the luminosity class of both spectra is almost the same. We assigned a luminosity class Ib to the synthetic spectrum, while that of HD 188209 is Iab. The small difference we observe in He ii 4686/He i 4713 (the ratio being lower in HD 188209 than in our synthetic spectrum) is consistent with the little difference in luminosity class: Iab versus Ib. From these comparisons, we conclude that our classification procedure is correct and that the 60 M ⊙ star truly becomes a supergiant before the end of the main sequence.
Inspection of the 20 and 60 M ⊙ tracks and associated spectroscopic sequences shows that luminosity class I can be reached already on the main sequence at high masses. Figure 7 gives more information (left panel). Below 30 M ⊙ , supergiants are not observed on the main sequence, nor immediately after. For stars with masses between 30 and 50 M ⊙ , supergiants appear at the TAMS. Above 50 M ⊙ , supergiants are encountered already on the main sequence, at locations progressively closer to the ZAMS as mass increases. Above 100 M ⊙ , all models are classified as supergiants. We thus conclude that stars classified as blue supergiants are not necessarily stars that have ended corehydrogen burning.
In the 20 M ⊙ track, we have noted that close to the TAMS, stars already appear as giants. In other words, a dwarf luminosity class does not correspond to the entire main sequence. Figure  7 indicates that below 30 M ⊙ a large portion of the main sequence is spent in luminosity class V. Above this limit, dwarfs are seen at the beginning of the MS, but for a duration that is increasingly shorter as mass increases. In the 60 M ⊙ model, only the first point, on the ZAMS, is classified as a dwarf. For the 80 M ⊙ model, the star is already a giant on the ZAMS (see Table  1 ). Hence, it is clear from our investigation that the extent of the main sequence cannot be compared to the location of dwarf stars in the HR diagram. In addition, our predictions indicate that above 80 M ⊙ stars do not appear as dwarfs even in the earliest phases of their evolution (see Sect. 4.3).
The right panel of Fig. 7 shows the location of different spectral types in the HR diagram, according to our calculations. The shift from early-O stars to early-B stars as T eff decreases is clearly seen. Among a given spectral type, T eff is lower when the luminosity is higher. This is consistent with supergiants being cooler than dwarfs (Vacca et al. 1996; Martins et al. 2005a ). Our results indicate that the earliest O stars (O2-O3.5) are not observed below an initial mass of about 50 M ⊙ . For later spectral types, this minimum mass decreases quickly, such that for late-O stars (O8-9.7) a wide range of masses higher than 15 M ⊙ is possible. Obviously, dwarfs have lower masses than supergiants at a given spectral type. Figure 10 clearly illustrates the point we raised previously: the main sequence does not necessarily correspond to a luminosity class V. In fact, only about half of the area of the diagram that shows the 'initial mass -fraction of time spent on the main sequence' is covered by dwarfs. The dwarf phase amounts to about 80% at 20-30 M ⊙ . As mass increases, however, the fraction of the main sequence spent in the giant and supergiant phases increases. The 100 M ⊙ model always appears as a supergiant.
Discussion
In this section we compare our results with the study of Groh et al. (2014) . We also compare our results with quantitative spectroscopic analyses of observed spectra. 
Comparison with Groh et al. (2014)
Groh et al. (2014) investigated the spectral evolution along a 60 M ⊙ evolutionary track computed with the Geneva code. Although we do not extend our calculations as far as they do (we stop at T eff ∼ 20000 K, i.e., just after the TAMS), we can still compare our results on the main sequence. Groh et al. find that their 60 M ⊙ model spends 90% of the main sequence with an O-type supergiant spectral appearance. The remaining 10% are spent as a luminous blue variables (see their Table 1 ).
The first similarity with our study is that on the ZAMS, the star has a spectral type around O3. The second similarity is that the supergiant phase appears already on the main sequence. The main difference between the two studies is that the supergiant phase does not appear at the same position along the track. The reason is the different mass-loss rates. In the calculations of Groh et al. (2014) , the 60 M ⊙ star appears as a supergiant already on the ZAMS. In our case, a luminosity class I is reached only in the second part of the MS. Inspection of Table 1 of Groh et al. (2014) shows that their first model, on the ZAMS, , the difference in wind density between the two studies is of a factor ∼2.2 (density being lower in our study). This naturally explains the change in luminosity classes that is due to the wind density dependence of He ii 4686 line (see Fig. 4 ).
To further test the difference between our calculations and those of Groh et al. (2014) , we show in Fig. 11 a change in wind density, except for the core of the Balmer lines and, to a larger extent, He ii 4686. Hence, we would assign the same spectral type to the new model as in the initial model (O3). Given the P-Cygni morphology of He ii 4686 in the new model, the luminosity class would be changed from V to III-I (see Figs. 3 and 4 of Walborn et al. 2002) . Inspection of Fig. 5 of Groh et al. (2014) reveals that their ZAMS model shows the same morphology for He ii 4686. We thus conclude that the differences between our classification and theirs is rooted in the different assumptions made regarding wind parameters.
Comparison with an observed HR diagram
In Fig. 12 we show our sequences of luminosity classes together with results from spectroscopic analyses using atmosphere A&A proofs: manuscript no. ev_MSwidth models. The latter are taken from McErlean et al. (1999) , Repolust et al. (2004) , Martins et al. (2005b) , Crowther et al. (2006) , Searle et al. (2008) , Markova & Puls (2008) , Martins et al. (2008) , Hunter et al. (2009 ), Crowther et al. (2010 , Lefever et al. (2010) , Przybilla et al. (2010) , Martins et al. (2012) , Bouret et al. (2012) , Nieva & Przybilla (2014) , Martins et al. (2015b) , and Mahy et al. (2015) . In the following, we refer to these results as the "observed stars". Looking at dwarf stars (upper right panel), we see that the distribution of our predicted luminosity classes agrees well with that of observed stars. At M = 15 M ⊙ , the length of the main sequence matches the distribution of predicted and observed dwarfs well. As mass increases, however, the distribution of dwarfs is increasingly more restricted toward a short portion of the main sequence, close to the ZAMS. Hence, above 15 M ⊙ , the distribution of dwarf stars in the HR diagram is not an indicator of the main-sequence width. Consequently, such a distribution cannot be used to constrain the size of the convective core (and the related amount of overshooting). Another interesting feature in Fig. 12 (upper right panel) is the absence of dwarfs above log L L ⊙ ∼ 5.7. The ZAMS models for the 80 and 100 M ⊙ tracks already appear as giants or supergiants (see lower panels). This characteristic is further discussed in Sect. 4.3.
The position of giant stars (lower left panel of Fig. 12 ) from our synthetic spectra reproduces that of observed giants reasonably well, especially given that observed giants and dwarfs or supergiants somewhat overlap in the HR diagram. Regarding supergiants (lower right panel of Fig. 12 ), the observed stars behave qualitatively in the same way as our predictions: the higher the mass, the closer to the ZAMS the appearance of supergiants. Below 40 M ⊙ , supergiants are seen only for effective temperatures cooler than that of the TAMS. Above that limit, they are seen already on the main sequence and even on the ZAMS for M=100 M ⊙ . Quantitatively, the observed and predicted distributions are somewhat different in the sense that the former starts at hotter temperatures than the latter, in the mass range 40-80 M ⊙ .
In conclusion, our synthetic spectra reproduce the distribution of O stars in the HR diagram relatively well, especially in the hotter part of the main sequence. The quantitative difference in the distribution of supergiants may be mainly attributed to mass loss. Indeed, luminosity classification criteria depend on He ii 4686, which is sensitive to the wind density (see Sects. 2.2 and 4.1).
Maximum mass for O-type dwarf stars
We have seen in Fig. 7 and Table 1 that above 60 M ⊙ the luminosity class V was not attributed: the first model of the 80 M ⊙ track is a giant. On the 60 M ⊙ track, the ZAMS model is classified as O3V((f*)), and it is the only one along that track to have a luminosity class V. When mass decreases, more and more dwarf classifications appear along the main sequence. This is indicative of a maximum mass above which luminosity class V is not seen any more.
Inspection of the GOSSS catalog (Sota et al. 2011 (Sota et al. , 2014 ) reveals that the earliest O dwarf in the Galaxy has a spectral type O3V((f*)) (HD 64568). The only O2V star known in the Milky Way was recently reported by Roman-Lopes et al. (2016) . The GOSSS catalog does not contain any O2III star either, and only three O2-2.5I stars. O2 stars are thus extremely rare in the Galaxy, and mostly appear as supergiants. In the lower metallic- ity environment of the Large Magellanic Cloud, Walborn et al. (2014) identified seven O2 stars in 30 Doradus, five of them being dwarfs (a sixth one having an uncertain luminosity class V-III). Lower metallicity stars being hotter for a given spectral type (Massey et al. 2004 (Massey et al. , 2005 (Massey et al. , 2009 Mokiem et al. 2006) , one naturally expects a higher occurence of O2 stars in the Magellanic Clouds.
Differences in the luminosity class distribution can be explained by wind effects. Mokiem et al. (2007a) performed a quantitative analysis of the stellar and wind properties of two O2V((f*)) stars in the LMC, BI 237 and BI 253, and obtained log L L ⊙ = 5.83 and 5.93, respectively 3 . In Fig. 1 , these two objects, with these luminosities and effective temperatures of 53000 K, would lie around the 80 M ⊙ track, consistent with the masses of 75 and 84 M ⊙ obtained by Mokiem et al. (2007a) . In our calculations, a star at that position appears as an O2III(f*). The spectral type is thus the same (O2), but the luminosity class is different. Since the latter is driven by the morphology of He ii 4686, and since He ii 4686 is sensitive to wind density, we conclude that the stronger mass-loss rate at higher metallicity (Mokiem et al. 2007b ) explains that O2 dwarfs are rarely seen in the Galaxy. A test of this hypothesis is shown in Fig. 13 . We computed several models with reduced or increased mass-loss rates compared to the ZAMS 80 M ⊙ model. In particular, the model shown by the red dot-dashed line corresponds to a scalingṀ ∝ Z 0.8 assuming Z = 0.5Z ⊙ . Based on the morphology of He ii 4686, we would classify it as O2V((f*)). Figure 13 also reveals that models with high mass-loss rates (higher metallicity) have He ii 4686 in emission, consistent with a luminosity class I. This confirms that early-type O dwarfs are more easily seen at low metallicity, and supports the fact that very early O dwarfs are almost unobserved in the Galaxy. model using various mass-loss rates. They discuss these spectra in the context of the nature of the most massive stars. They find that under classical approximations regarding mass loss and clumping (Vink et al.Ṁ recipes and a clumping factor of 0.1), no dwarf is observed on the ZAMS above 85 M ⊙ , that is, at solar metallicity.
Onset of WNh stars
In Fig. 12 we have included results from the spectroscopic analysis of WNh stars from Martins et al. (2008) and Crowther et al. (2010) . Such stars are believed to be O-type stars that are still on or close to the main sequence (i.e., showing products of CNO burning at their surface) but having strong winds, which causes them to appear as Wolf-Rayet stars. A striking conclusion from Fig. 12 is that our models do not reproduce these stars: we predict only supergiants, but no WNh stars.
A first possibility to remedy this situation is to assume that the mass-loss rates of WNh stars are higher than assumed in our calculations. In Fig. 14 the models in the right panel correspond to mass-loss rates increased by a factor of 3.0, consistent with the recipe of Vink et al. (2001) -logṀ ∼ −5.0. This is not enough to produce the spectral features of WNh stars. Such stronger winds do lead to the appearance of transition objects A&A proofs: manuscript no. ev_MSwidth (O3-4If/WN7 stars) characterized by He ii 4686 emission and Hβ with a P-Cygni profile, as defined by Crowther & Walborn (2011) . Pure Hβ emission typical of WN7h stars is not observed, however. The values determined by Martins et al. (2008) and Crowther et al. (2010) for the WNh stars in Fig. 12 are between -5.0 and -4.30. In Fig. 15 we show three models for the fourth point along the 100 M ⊙ track. The black and red lines correspond to the models with the initial mass-loss rate andṀ increased by a factor of 3.0, respectively. The third model is a new one with logṀ = −4.4. Its other parameters are the same as that of the initial model. It shows features that are typical of WN6-7ha stars (see Fig. 1 of Crowther & Walborn 2011) . Hence, to reproduce the spectral features of WNh stars, mass-loss rates in excess of the prescriptions of Vink et al. (2001) by a factor of ∼ 4.0 (combined with a clumping factor of 0.1) are necessary. However, this is not without problems. If we increaseṀ by such a factor in the evolutionary models, then the track we obtain does not reach the position of WNh stars. The mass removal due to winds is so strong that the track almost immediately turns down to lower luminosities. This implies that it is not possible to obtain a consistent evolutionary and atmosphere model with M=100 M ⊙ that accounts for WNh stars, at least under the assumption that WNh stars are objects on or just past the main sequence.
A way out of this discrepancy is to assume that the observed luminosity of the WNh stars used for our comparisons may be underestimated. Crowther et al. (2010) found that the stars in NGC 3603 had log L L ⊙ between 6.2 and 6.4, higher than our 100 M ⊙ track. They also discusses some of the stars of Martins et al. (2008) , arguing that with different assumptions on the distance and extinction, these objects would be more luminous.
Another possibility is to assume that the mass-loss rates are increased only after the star has evolved off the ZAMS, at the position where WNh stars are observed. Bestenlehner et al. (2014) report that logṀ scales linearly with log Γ e , where Γ e is the electron scattering Eddington factor, but with a steeper slope at larger Γ e , that is, closer to the Eddington limit. We may then speculate that massive stars start with "normal" mass-loss rates and then experience an increased mass loss when evolving closer to the Eddington limit. An envelope inflation may also appear close to the Eddington limit, causing problems in our method of combining atmosphere and evolutionary models (see Sect. 4.5).
Limitations of the present study
The attempt made in this study to provide a spectroscopic view of the evolution of massive stars near the main sequence suffers from several limitations and approximations. The first is that the coupling between evolutionary and atmosphere models remains crude. We ensured that the temperature structures of both models were consistent in the overlapping region (outer part of the evolutionary model -inner atmosphere). This remains true as long as the stars do not develop to large envelope expansion. As luminosity and radius increase, our approach is progresively less consistent. This may explain part of the difficulties we encounter in reproducing WNh stars. In any case, the atmosphere models used as a boundary condition for the evolutionary calculations are approximate. The effect of more accurate atmospheres remains to be tested.
For luminosities higher than 10 6 L ⊙ and effective temperatures lower than ∼ 20000 K, no supergiants are observed (Fig.  12) . This is the Ω − Γ limit (Maeder & Meynet 2000b ) above which stars are expected to be unbound due to radiative pressure and rotation. Our models extend beyond this limit, populating the upper right part of the HR diagram. This is a clear limitation of our evolutionary models and is mainly due to the mass-loss prescription used in our computation: we do not take into account the high mass-loss rates encountered in the luminous blue variable phase. Hence, the redward extent of our most massive models should not be regarded as fully realistic.
A different value of the core-overshooting parameter would modify the size of the convective core and the luminosity in the post-main-sequence evolution. From Fig. 1 of Martins & Palacios (2013) , we conclude that the inclusion of overshooting leads to a typical increase in log L L ⊙ by 0.05 dex. According to Vink et al. (2001) , this translates into a change in mass-loss rate by 0.1 dex. Hence, the wind-sensitive lines may be slightly affected. However, we do not anticipate this effect to drastically change our conclusions.
A major limitation of our work is the assumption that the theoretical spectra we produce correctly reproduce the spectral features observed in massive stars, so that they can be fully trusted when assigning spectral types and luminosity classes. The He i 4471 and He ii 4542 lines used as diagnostics of O-type stars spectral types are well reproduced by models in all recent studies and thus should not cause any bias in our results. Additional criteria based on He i 4388 and He i 4144 were defined by Sota et al. (2011) for O8.5-B0 stars. These lines are known to be more sensitive than He i 4471 to details of the modeling (blanketing, microturbulence), as demonstrated by Najarro et al. (2006) . Although recent studies show that they can be well fitted (e.g., Markova & Puls 2008; Bouret et al. 2012; Martins et al. 2015a ), this limitation must be kept in mind. For early-B stars, the main spectral-type criterion is the relative strength of Si iv 4089 and Si iii 4552. The former line is not always quantitatively reproduced in spectroscopic analyses (Martins et al. 2016) , although this is not systematic, as stressed in Sect. 3 and Fig. 8 (see also best fits obtained by Bouret et al. 2012; Martins et al. 2015a) . Hence, an uncertainty of about one subtype may affect the classification of early-B stars. The main luminosity class diagnostic for O stars is the strength of He ii 4686. Its strength and morphology depends on the wind parameters, as discussed previously. Provided these parameters are constrained, it is usually well reproduced by models, so that there is no major problem with the modeling of this line. For B stars, Si iv 4089 and He i 4388 are involved, among other criteria, in the assignment of luminosity classes, implying an uncertainty larger than for O stars. This is seen in Table 1 where on average it is more difficult to give a unique luminosity class to B-type than to O-type stars.
The classification of the earliest O-type stars relies on nitrogen lines (Walborn et al. 2002 ). Rivero González et al. (2011 , 2012b ) studied the formation of N iii 4640 and N iv 4058, which are used to distinguish O2-O3-O3.5 stars. They showed that the intensity of these lines depended on stellar winds and metallicity. Comparison between predictions of the FAST-WIND code ) and CMFGEN (Hillier & Miller 1998) revealed good agreement for N iii 4640, except in a narrow temperature range (30000-35000 K). At these temperatures, the He i/He ii ratio is used for spectral classification. Consequently, the discrepancies in the theoretical predictions for N iii 4640 do not affect our spectral types / luminosity classes. For N iv 4058, Rivero González et al. (2012b) concluded that larger differences between FASTWIND and CMFGEN existed, highlighting the uncertainties in the prediction of its intensity. In parallel, Bouret et al. (2012) analyzed a sample of early-type Galactic O supergiants and often had difficulties to fit N iv 4058, even when most other lines where correctly reproduced. Hence, we stress that the intensity of N iv 4048 may not be completely under control in our models. Spectral types in the range O2-O3.5 are thus more uncertain than in the range O4-B1.
In the present study, we have focused on single-star evolution without rotation. Taking into account rotation can lead to two main changes in the prediction of spectroscopic appearance. First, evolutionary tracks for rotating stars are modified: they are less luminous and cooler on the ZAMS, but become rapidly more luminous on the main sequence and in the more advanced phases (Meynet & Maeder 2000) . Second, rotation affects mass loss (Maeder & Meynet 2000a ) so that the wind density is changed compared to non-rotating models. Hence, for a given initial mass, we can expect modifications in the spectral appearance of evolutionary tracks, both in terms of spectral type and luminosity class (Markova et al. 2011) . A detailed study of the such effects will be presented in a future publication.
Conclusions
We have presented a spectroscopic view of massive stars evolution at solar metallicity and without rotation. To do this, we have computed evolutionary models with the code STAREVOL for initial masses equal to 15, 20, 30, 40, 50, 60, 80 , and 100 M ⊙ . For selected points on these tracks, we computed atmosphere models and synthetic spectra with the code CMFGEN. The resulting optical spectra were classified as if they were observed spectra to provide a spectral type and luminosity class. We obtained theoretical evolutionary sequences. The main results are listed below.
• The earliest spectral types (O2 to O3.5) are only obtained for stars more massive than about 50 M ⊙ . For later spectral types, lower masses are possible.
• A luminosity class V does not correspond to the entire main sequence above 20 M ⊙ . Dwarf stars are observed all the way from the ZAMS to the TAMS only for the 15 M ⊙ track. As mass increases, an increasingly larger portion of the main sequence is spent in the luminosity class III, and dwarfs are not seen on the main sequence above 80 M ⊙ . Supergiants (luminosity class I) appear before the end of core-hydrogen burning above 50 M ⊙ . Consequently, the distribution of luminosity class V stars does not trace the main sequence and cannot be used to constrain the size of the convective core.
• The distribution of luminosity classes in the HR diagram reproduces the position of dwarfs, giants, and supergiants well as determined by quantitative spectroscopy. A slight discrepancy exists for supergiants and is attributed to wind density. This general agreement indicates that mass-loss rates reduced by a factor of 3.0 compared to the theoretical predictions of Vink et al. (2001) are a relatively good description of O star winds, provided a clumping volume-filling factor of 0.1 is adopted.
• We predict an upper mass limit of 60 M ⊙ for dwarfs at solar metallicity. This is consistent with the rarity of O2V stars in the Galaxy. This mass limit increases at lower metallicity.
• Luminous WNh stars are not predicted by our most luminous models. Higher mass-loss rates would be needed to produce strong emission lines, but such rates would yield evolutionary tracks that do not reach the observed luminosities of WNh stars. Their luminosities may be underestimated, so that they may be stars more massive than 100 M ⊙ . Alternatively, they might experience an increase in mass loss as they evolve closer to the Eddington limit.
